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A B S T R A C T 

The formation of circumstellar discs is a critical step in the formation of stars and planets. Magnetic fields can strongly affect the 
evolution of angular momentum during prestellar core collapse, potentially leading to the failure of protostellar disc formation. 
This phenomenon, known as the magnetic braking catastrophe, has been observed in ideal-magentohydrodynamics (MHD) 
simulations. In this work, we present results from ideal-MHD simulations of circumstellar disc formation from realistic initial 
conditions of strongly magnetized, massive cores with masses between 30 and 300 M � resolved by zooming into giant molecular 
clouds (GMCs) with masses ∼ 10 

4 M � and initial mass-to-flux ratios 0 . 6 ≤ μ0 ≤ 3. Due to the large turbulence in the gas, the 
dominant vertical support of discs is turbulent motion, while magnetic and turbulent pressures contribute equally in the outer 
toroid. We find that large Keplerian discs can form even in magnetically critical or near-critical cores due to the suppression of 
magnetic braking by highly turbulent and incoherent magnetic field topologies. Only cores in GMCs with μ0 < 1 fail to form 

discs. Instead, they collapse into a sheet-like structure and produce numerous low-mass stars. We also discuss a universal B –ρ

relation valid o v er a large range of scales from the GMC to massi ve cores, irrespecti ve of the GMC magnetization. This study 

differs from the vast literature on this topic which typically focus on smaller mass discs with idealized initial and boundary 

conditions, therefore providing insights into the initial conditions of massive prestellar core collapse and disc formation. 

Key words: MHD – stars: formation – stars: massive – stars: protostars – ISM: magnetic fields. 
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 I N T RO D U C T I O N  

he formation of protostellar discs is ubiquitous during the collapse 
f prestellar cores. As a molecular core collapses under its own 
elf-gravity, the angular momentum of the gas will slow down its
ollapse at small scales promoting the formation of a protostellar 
isc. This simple argument of conservation of angular momentum 

s corroborated by observations, also suggesting that protostellar 
isc formation is a natural byproduct of the star formation process
O’dell & Wen 1992 ; Tobin et al. 2012 ; Murillo et al. 2013 ; Codella
t al. 2014 ; Lee et al. 2017 ). 

Ho we ver, molecular clouds are observed to be permeated by mag-
etic fields (Crutcher 1999 ; Lee et al. 2017 ), which can in principle
trongly affect the evolution of angular momentum during the core 
ollapse. The twisting of the magnetic field lines produced by the disc
otation in the flux-freezing regime of ideal magnetohydrodynamics 
MHD), can apply a force counter to the rotation velocity, also 
nown as magnetic braking, effectively slowing down rotation and 
ncreasing radial gas infall. In idealized numerical MHD simulations, 
he time-scale of the braking can become so short that protostellar 
iscs fail to form or are much smaller than the observed sizes,
 phenomenon known as ‘the magnetic braking catastrophe’ (e.g. 
llen, Li & Shu 2003 ; Galli et al. 2006 ; Hennebelle & Fromang
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008 ; Li et al. 2014 ). Indeed, disc formation should be completely
uppressed in the strict ideal MHD limit for the level of core
agnetization deduced from observation – the angular momentum 

f the idealized collapsing core is nearly completely remo v ed by
agnetic braking close to the central object (e.g. Mestel & Spitzer

956 ; Mellon & Li 2008 ). These results seem to be in contrast
o the observed existence of Keplerian discs around protostellar 
bjects. While some simulations with ideal MHD have successfully 
eproduced the observed sizes of certain large Class 0 and Class I
rotostellar discs ( ∼ 100 au) as revealed by recent radio/mm and
ptical/IR observations (Zapata et al. 2007 ), these simulations often 
ail to account for the extremely large discs ( � 1000 au) that have
een observed recently (Johnston et al. 2020 ). 

Magnetic fields support charged gas against gravitational collapse. 
 common characterization of the relative importance of the grav- 

tational and magnetic forces in a molecular cloud or core is the
ormalized mass-to-flux ratio, 

≡ M/� B 

M � 

/� B 

= 

M 

M � 

, (1) 

here M is the total mass contained within a spherical region of
adius R , � B = πR 

2 B is the magnetic flux threading the surface of
he sphere assuming a uniform magnetic field strength B, and 

 � 

= c � 

� B √ 

G 

, (2) 
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s the magnetic critical mass, the mass at which the magnetic
nd gravitational forces balance each other. The constant c � 

is a
imensionless coefficient that depends on the assumed geometry
f the system. For a spherical cloud of uniform density, c � 

=
 

10 / (6 π ) = 0 . 168. For a more centrally concentrated geometry, e.g.
 non-singular isothermal sphere, the equi v alent geometrical factor
 � 

is up to 70 per cent higher and μ is 40 per cent lower than the
niform density case (see Appendix A ). 
An alternative definition of the mass-to-flux ratio is 

≡
√ 

| W | 
B 

, (3) 

here W represents the gravitational potential energy and B denotes
he magnetic energy. Equation ( 3 ) is equi v alent to equation ( 1 ), and
y equating the two definitions, the value of c � 

can be determined. 
In a sub-critical cloud (defined as a cloud with μ < 1), the mag-

etic field should prevent the collapse of the cloud core altogether.
bservations suggest typical values of μ ≈ 2 –10 in molecular cloud

ores (e.g. Crutcher 1999 ; Bourke et al. 2001 ), and this value could be
ven smaller after correcting for projection effects (Li et al. 2013a ).
oreo v er, analytical predictions (Joos, Hennebelle & Ciardi 2012 )

uggest that there are no centrifugally supported discs in models with
≤ 10; what appear instead are pseudo-discs, which are disc-shape

 v erdensities that are not rotationally supported (Galli & Shu 1993 ).
Simulating the formation and evolution of individual stars requires

esolving the ‘opacity limit’ for fragmentation – the critical density
bo v e which the gas becomes optically thick to cooling radiation,
eading to gas heating and a halt to fragmentation (Rees 1976 ). This
ritical density is 10 10 –10 11 cm 

−3 at solar metallicities. There is a
ast literature studying collapsing gas near this density regime using
oth ideal MHD simulations (Hennebelle & Ciardi 2009 ; Joos et al.
012 , 2013 ; Santos-Lima, de Gouveia Dal Pino & Lazarian 2012 ;
i, Krasnopolsky & Shang 2013b ; Seifried et al. 2013 ; Li et al.
014 ; Fielding et al. 2015 ; Gray, McKee & Klein 2018 ; Lewis &
ate 2018 ; Tsukamoto et al. 2018 ; Lam et al. 2019 ; Hirano et al.
020 ; Wurster & Lewis 2020 ), or non-ideal MHD studies/simulations
Machida, Inutsuka & Matsumoto 2011 ; Masson et al. 2016 ; Wurster,
rice & Bate 2016 ; K ̈olligan & Kuiper 2018 ; Zhao et al. 2018 ;
am et al. 2019 ; Wurster & Bate 2019 ; Kuffmeier, Zhao & Caselli
020 ; Tsukamoto et al. 2020 ; Mignon-Risse et al. 2021 ; Commer c ¸on
t al. 2022 ; Mignon-Risse et al. 2023 ). We refer to Tsukamoto et al.
 2023 ) for a comprehensive review on this topic. Each of these
revious studies, in addition to facing specific constraints due to
omputational cost/limitations, focus on different physics questions
nd has initial conditions that typically apply to describing traditional
ores/circumstellar discs around solar-type stars. Typically, the mass
f the molecular clouds studied does not exceed 500 M �, with the
ost common limit of around 100 M �. Moreo v er, most of these

imulations usually assume idealized initial and boundary conditions
or the discs, along with artificially introduced turbulence, which may
ot fully capture the complexities of the star formation processes in
 realistic molecular cloud environment. 

The main incremental impro v ement of this work, when compared
o existing literature, is the adoption of realistic initial and boundary
onditions for the collapse of high-mass prestellar cores. Here, we
tress two points: (i) the masses of the cores presented in this study
f circumstellar disc formation are significantly larger than in most
revious studies: between 30 and 300 M �; (ii) We simulate these
ore adopting realistic initial conditions by zooming into strongly
agnetized cores within a coarser resolution simulations of an
10 4 M � giant molecular clouds (GMCs), along with realistic

oundary conditions from the co-evolving GMC. This paper is an
NRAS 540, 175–189 (2025) 
xtension of the work presented in He & Ricotti ( 2023 ; hereafter,
aper I), in which we studied the formation and fragmentation of
igh-mass prestellar cores and the formation of large circumstellar
iscs. In this work, we focus on the magnetic phenomenon and
he effects of varying the cloud magnetization, in the ideal-MHD
egime. In Section 4 , we discuss how our results compare to the
 xtensiv e body of literature on ideal- and non-ideal MHD simulations
f circumstellar discs. 
The rest of this article is organized as follows. We describe the
ethods in our simulations in Section 2 . We present the results

n Section 3 , including an analysis of why the magnetic braking
atastrophe does not prevent disc formation. A discussion in light
f previous literature is presented in Section 4 , and a summary and
onclusions in Section 5 . 

 M E T H O D  

n Paper I we have conducted a set of ‘zoom-in’ radiation-MHD
imulations of prestellar core formation and evolution within col-
apsing GMCs. In this work, we extend the set of simulations
o explore the effects of stronger magnetic fields. We present a
uite of six ‘zoom-in’ simulations of prestellar cores in molecular
louds with varying magnetization and turbulence. We summarize
he key parameters of the simulated GMCs and cores in Table 1 .
wo GMCs, μ3Ma15 and μ3Ma7 are fiducial runs with the same

nitial magnetization ( μ0 = 3 . 0) as those presented in Paper I and in
e, Ricotti & Geen ( 2019 ), in which we present the results for the

arger scale GMCs evolution. The two clouds have initial turbulent
ach numbers M = 15 and M = 7 and masses of 3 × 10 4 and

 × 10 3 M �, respectively. These two GMCs are the XS-C and M-C
louds in He et al. ( 2019 ), respectively. They represent clouds with
ass, density, and magnetization similar to Milky Way GMCs. They

oth have an initial average number density of 200 cm 

−3 . The other
our GMCs on which we zoom in ( μ1Ma15 , μ1Ma7 , μ0.6Ma15 ,
nd μ0.6Ma7 ) have the same properties as the two fiducial clouds
ut increased magnetic field intensities with μ0 = 1 . 0 and μ0 = 0 . 6,
s shown by the name of the run. We also list the Alfven Mach
umber M A = v/v A , where v is the plasma velocity and v A is the
lfven speed, and the Plasma beta β = P th /P mag , which is the ratio
f thermal pressure to magnetic pressure, of the initial GMC, as well
s the spatial resolution �x min of the zoom-in simulations. 

For all the six zoom-in simulations mentioned above, we zoom
nto the first cores forming in each GMC and study their subsequent
ollapse. In this work, we also include two extra cores selected
rom Paper I: (1) μ3Ma7-hires , which corresponds to Core A-hr
n Paper I, is a higher resolution zoom-in version of μ3Ma7 ; (2)
3Ma15-large corresponds to Core B in Paper I, which is a very
assive core that forms in the later stage of star formation in the
ducial GMC μ3Ma15 . 
The sink particle (star formation) and stellar feedback recipes and

he ‘zoom-in’ method used in this work are described in Paper I.
ere, we provide only a brief summary. We perform simulations of

tar formation using the grid-based adaptive mesh refinement (AMR)
HD code RAMSES (Teyssier 2002 ; Fromang, Hennebelle & Teyssier

006 ; Bleuler & Teyssier 2014 ). Radiation transfer is modelled using
 moment-based method with the M1 closure relationship for the
ddington tensor ( RAMSES-RT ; Rosdahl et al. 2013 ). The ionizing
hotons emitted from stars interact with neutral gas and we keep
rack of the time-dependent ionization chemistry of atomic hydrogen
nd helium, but we do not include the chemical evolution of the
olecular phase and metal chemistry, used only for cooling/heating

ates, is treated assuming equilibrium abundances. Heating from
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Table 1. List of zoom-in simulations presented in this paper. Col. (2): core mass based on gas abo v e a density threshold of 3000 cm 

−3 . 
Col. (3): core mass based on gas within a radius of 0.1 pc from the density peak. All the cores are chosen as the first star-forming core in 
the corresponding GMC, except for the one with a ∗, which is chosen from the later stage of the GMC evolution and it is a very massive 
core with o v er 100 M �. 

GMC/core name m 3000 (M �) m 0 . 1pc (M �) μ0 M B ( μG) M A β �x min (au) n sink (cm 

−3 ) 

μ3Ma15 30 12 3 15 10 5 0.1 60 8 × 10 8 

μ3Ma15-large ∗ 130 30 3 15 10 5 0.1 60 8 × 10 8 

μ1Ma15 40 30 1 15 30 1.7 0.01 60 8 × 10 8 

μ0.6Ma15 300 25 0.6 15 50 1 0.004 60 8 × 10 8 

μ3Ma7 27 10 3 7 5 5 0.5 29 4 × 10 9 

μ3Ma7-hires 27 10 3 7 5 5 0.5 7 6 × 10 10 

μ1Ma7 100 15 1 7 15 1.7 0.06 29 4 × 10 9 

μ0.6Ma7 60 10 0.6 7 25 1 0.02 29 4 × 10 9 
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hotoionization and cooling from hydrogen and helium, metals, and 
ust grains are implemented. Cooling below 10 K is shut down to
eep the temperature floor at 10 K. The photoionization feedback 
rom stars heats the gas, dispersing the cloud and quenching star
ormation. 

The baseline simulations of GMCs are started from a spherically 
ymmetric structure with density profile of a non-singular isothermal 
phere in hydrostatic equilibrium with a surrounding low-density 
hell, in which gravity is nearly balanced by turbulent motions 
 α ≡ K/ | W | = 0 . 4). The clouds measure 3 × 10 3 M � (3 × 10 4 M �)
n mass and 4.6 pc (10 pc) in radius for the Ma7 ( Ma15 ) runs.
he simulation box is 4 times larger than the diameter of the cloud

o follow the expansion and dissolution of the cloud. In the initial
ondition, the density profile is perturbed with a turbulent velocity 
eld, analogously to the set up used in Geen, Soler & Hennebelle
 2017 ). The turbulence of the clouds follows a Kolmogorov power
pectrum with random phases and has an amplitude such that the 
loud is approximately in virial equilibrium. The magnetic field is 
arallel to the x-axis, and its strength at the y − z plane crossing
he cloud center decreases with distance to cloud centre so that 
he Alfven speed is kept constant. The field strength at the cloud
enter is listed at the 6th column of Table 1 . We let the cloud
elax for three free-fall times to allow the turbulence to develop 
efore turning on full gravity and sink particle formation (i.e. 
tar formation). Adaptive mesh refinement is applied to the whole 
omain to make sure at any time and any location the local Jeans
ength, L J = c s 

√ 

π/ ( Gρ) , is resolved by at least 10 grid points.
he maximum refinement level l max is set to 14 in the whole
omain. 
In the zoom-in simulations presented in this work, we rerun each 

MC simulation starting right before the first sink particle (prestellar 
ore) forms in the baseline run. We, therefore, define a ‘core’ in our
imulations as the progenitor of a sink particle or binary sink particles
n the baseline simulation. In physical terms, ‘cores’ are the largest 
sothermal spheres that form inside a GMC and are in hydrostatic 
quilibrium (see Paper I for evidence that the density profile of these
ores resembles that of a Bonnor–Ebert sphere). We define a ‘zoom’ 
egion, about 2 pc in size, at the location where the first core forms
nd set a higher refinement level of l max = 18 inside this region. We
easure the core mass (Table 1 ) using two methods: (1) by applying
 density threshold of 3000 cm 

−3 , and (2) by considering the mass
f gas encompassed with a 0.1 pc radius. This approach is moti v ated
y the fact that, during the isothermal phase, each core has a ∝ r −2 

ensity profile that extends up to a few ×10 5 au; within this range,
he mass enclosed is directly proportional to the radius enclosed. To 
each the best possible resolution with manageable computational 
d
ower, we use a nested refinement structure where l max increases 
s it gets closer to the domain centre. The critical density for sink
ormation is n sink = 3 . 6 × 10 9 and 7 . 7 × 10 8 cm 

−3 for the Ma7 and
a15 clouds, respectively, guided by the criterion that a Jeans length
t c s = 0 . 24 km s −1 , the sound speed of cold neutral medium at ∼ 10
, must be resolved by no less than 5 grids. We stop the zoom-in

imulations when either the disc structure disappears (in case where 
iscs do form) or when the core is dispersed by stellar feedback and
e are convinced that no large discs will form. 

.1 Disc definition 

n order to identify discs and study their properties in the zoom-in
imulations, we work in a cylindrical frame of reference centred 
n the disc with z−axis parallel to the angular momentum of the
 v erdense gas inside the core. In all our discussions of the disc
roperty , the density , velocity , pressure, and magnetic field are an
zimuthal average weighted by mass. 

We define a disc using two principal criteria: a density threshold
nd rotational support. The density threshold is set at 10 6 cm 

−3 , a
alue limited by resolution but sufficiently high to a v oid large spiral
rms. This threshold, roughly consistent with the literature (Joos et al. 
012 , 2013 ), helps in distinguishing potential disc structures, which
an manifest either as a flat, pancak e-lik e shape, or a radiant shape
ith a thinner inner disc and thick outer part (as illustrated in Fig. 2 ).
or a structure to be classified as a disc, it also must exhibit disc-

ike geometry and be rotationally supported. We define ‘rotational 
upport’ empirically, quantifying it with the Keplerianity parameter, 
hich is the ratio of azimuthal velocity to the Keplerian velocity,
K 

≡ v φ/v kep . We define the Keplerian velocity as the velocity of a
est particle orbiting around a central mass of M encl in spherical orbit,
 kep ≡

√ 

GM encl /R , where M encl denotes the total mass enclosed 
ithin radius R, which includes both gas and sink particles. We

mpose two criteria for βK 

. The first criterion is βK 

≥ 0 . 5, which
orresponds to a rotational-to-gravitational energy ratio K r / | W | =
 . 5 β2 

K 

≥ 0 . 125. The second criterion is that the disc is truncated at
he radius where βK 

begins to decline, thereby excluding the less- 
ense, puffy envelope. In summary, we define the disc radius as the
inimum between the radius defined by the density threshold and 

y the rotational support criteria. 
For visualization and further analysis (see Section 3 ), we generate

 contour plot representation of the disc in surface density plots
for instance see white contours in Figs 2 and 3 ). The white
ines representing the face-on discs are iso-contours of the surface 
ensity with thresholds chosen such that the average radius of 
MNRAS 540, 175–189 (2025) 
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M

Figure 1. ( Top ) Surface density of the cores μ3Ma15 , μ1Ma15 , μ1Ma7 , and μ0.6Ma15 , showing their morphology at t = 0, shortly before the formation of 
stars. ( Bottom ) Density slices of the corresponding cores centred at the peak density o v erplotted with magnetic field streamlines. The field of view and viewing 
angle orientation are the same as in the top panels. The magnetic field streamlines are colour coded according to their magnitudes and a colourbar is shown at 
the bottom-left corner. Note how the surface density of the core μ0.6Ma15 does not intuitively reflect the actual geometry of its sheet-like shape. 
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he contour is roughly the same as the disc radius as defined
bo v e. 

.2 Calculation of radial profiles 

n the subsequent discussion of disc properties, we present the radial
rofiles of parameters such as the Alfven velocity in two coordinate
ystems. 

During the core phase, we use spherical coordinates and express
he profiles as a function of the spherical radius r sph , which represents
he distance from the core centre. These quantities are averaged over
 thin shell at radius r sph . 

For the disc phase, we use cylindrical coordinates, and express the
rofiles as a function of the cylindrical radius r cyl . The radial profile
f a quantity q (e.g. the Alfven velocity v A , azimuthal velocity v φ ,
nd sound speed c s ) is calculated as the density-weighted average
 v er a cylindrical shell: 

 ( r cyl ) = 

∫ r cyl + �r cyl 
r cyl −�r cyl 

∫ 2 π
0 

∫ z 0 
−z 0 

q ( r ) ρr d r d φd z ∫ r cyl + �r cyl 
r cyl −�r cyl 

∫ 2 π
0 

∫ z 0 
−z 0 

ρr d r d φd z 
, (4) 

here �r cyl denotes the thickness of the cylindrical shell, typically
qui v alent to the size of a few grid cells, and z 0 = 100 au is the
eight of the cylinder, roughly corresponding to disc thickness in our
imulation. The calculation of the z-component turbulent velocity,
( v z ), involves additional steps. First, we calculate the cylindrically
veraged z-component velocity, v̄ z ( r cyl ), using equation ( 4 ) with
( r ) = v z ( r ). Next, we compute the variance by applying equa-

ion ( 4 ) with q( r ) = ( v z ( r ) − v̄ z ( r cyl )) 2 . Finally, σ ( v z ) is the square
oot of the variance. The radial profiles of the radial and azimuthal
omponents of the magnetic field, B r and B φ , are obtained in a similar
ay. Ho we ver, in this case, q = B 

2 is used without applying a density
NRAS 540, 175–189 (2025) 
eight to account for the volume-integrated magnetic energy density,
nd the final result is taken a square root to obtain the cylindrically
veraged quantities. 

 RESULTS  

he key result from our suite of simulations is that large, Keplerian
iscs form at the centres of magnetically (near-)critical cores. We
resent the disc properties and statistics of the stars/sink particles
n Table 2 . Between 2 and 20 stars emerge from the collapse of
 massive core, with a large, rotationally supported disc structure
orming around the central massive star or binary, while additional
tars are distributed throughout or at the vicinity of the disc. We
efer to our companion paper of this series (Paper I) for more details
n the sink mass functions and a detailed study on disc properties.
n this paper, we focus on the role of the large-scale magnetic field
n the GMC in determining the formation of these large discs and
heir properties. Below we present results for a set of simulations
ith different μ and turbulent Mach number, focusing on the cores
orphologies and evolution (Section 3.1 ), the magnetic field–gas

ensity relationship (Section 3.2 ), the vertical support of the discs
Section 3.2 ), and a critical analysis of the magnetic braking problem
Section 3.4 ). 

.1 Morphology of gas density and magnetic field in cores 

or the same GMC simulation and sink particle we zoom into, the
trength of the background magnetic field has an effect on the early
hase of collapse and the initial morphologies of the collapsing cores.
he top row of Fig. 1 shows the surface density of the gas for a

epresentative set of 4 simulations while the bottom ro w sho ws the
ensity in a slice through the same filament and the magnetic field
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Figure 2. Surface density maps of the four cores (from left to right) inspected in Fig. 1 , showing their time evolution (from top to bottom) and the formation 
of stars. The circles mark the positions of the sink particles which represent individual stars. The colours of the circles, from white to dark green, correspond to 
their masses from 0.1 to 10 M � in log scale. A large Keplerian disc forms in all cores in GMCs with μ0 � 1. In the case where μ0 < 1 ( μ0.6Ma15 ), the core 
collapses into a sheet-like shape with negligible angular momentum with respect to the centre of mass, preventing disc formation. 
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ines. In the weaker magnetic field cases ( μ3Ma15 , μ1Ma15 , and
1Ma7 ), the core collapses starting from a gas filament oriented 
erpendicular to the magnetic field lines. This nearly 1D structure is
enser near its centre of mass and the density decreases in the outer
arts of the filament. Both the surface density plots and the slice plots
how similar morphology and orientation of the filament geometry, 
hich is also confirmed by an inspection of the 3D rendering of the
as density (not shown in this paper). In the stronger magnetic field
ase ( μ0.6Ma15 ), the gas also collapses along the field lines but into
 2D sheet-like structure. The gas surface density of the sheet is also
ot uniform, and the peak density defines a 1D curve, or filament,
hat is not necessarily oriented perpendicular to the B-field lines. 
his can be observed in the surface density plot for run μ0.6Ma15

n Fig. 1 , showing a filament structure apparently oriented along the
-field lines. Ho we ver, the slice plot indeed shows the magnetic field

ines threading through the sheet are perpendicular to its surface. To 
ummarize, since the surface density is the quantity more readily 
bservable, in the weak B-filed case the surface density maps reflect 
he actual filamentary shape of the gas leading to core formation. In
he strongly magnetized cloud, ho we ver, the surface density map may
ead observers to mistakenly think that the structure is a filamentary 

r disc-like structure rather than a 2D sheet structure. m  
During the next stage of collapse, the gas fragments along the
lament or along the central high-density line of the sheet (Fig. 2 ).
n the supercritical/critical ( μ0 ≥ 1) cases, the core fragments into 
ultiple stars along the filament. Due to the conservation of angular
omentum, the filament spirals inward and forms a Keplerian disc 

Fig. 3 ). We discuss the disc properties in Sections 3.3 and 3.4 . The
ragments are ultimately embedded in the Keplerian disc, as already 
hown in our previous work (Paper I). In the cases where μ0 < 1,
he sheet-like structure collapses towards the central high-density 
ine. When the central density reaches the local Jeans density, the
as collapses to form numerous stars that are clustered into clumps.
ue to magnetic braking, as will be discussed in Section 3.4 , the

ngular momentum of the gas is transferred outward and the gas
ows directly into the centre of the local clump without forming a
isc. 
To take a peek at how the magnetic field morphology evolves over

ime, we plot the magnetic field lines of core μ3Ma7-hires at
hree snapshots in Fig. 4 . As the cores collapse, the magnetic field is
ent by the rotation of the gas through the dynamo effect. The field
ines are twisted and the magnetic strength is enhanced at the disc
entre, which is also demonstrated by the 3D volume rendering of the
agnetic field lines in Fig. 5 . The field is dominated by the toroidal
MNRAS 540, 175–189 (2025) 
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Figure 3. Face-on (top panels) and edge-on (bottom panels) view of the disc surface density in run μ3M7 (left) and its high-resolution counterpart ( μ3M7- 
hires , right). Run μ3M7 has a spacial resolution of �x min = 30 au , while run μ3M7-hires has four times better resolution ( �x min = 7 au ). A white contour 
representing � = 5 g cm 

−2 is shown in the face-on view to indicate the disc contour. The similarity in disc structure and sizes between both runs suggests 
numerical convergence in the resolution of these large discs. 

Table 2. Disc properties from simulations listed in Table 1 . The columns 
are core names, disc radius (in au), disc thickness (in au), disc lifetime (in 
kyr), and number of sink particles formed in the vicinity of the disc that are 
either orbiting, ejected, or at the centre of the system. R and H represent the 
estimated average radius and thickness of the central, large disc during its 
lifetime. 

Core name R (au) H (au) t (kyr) N sink 

μ3Ma15 1000 400 230 6 
μ3Ma15-large 5000 3000 > 500 9 
μ1Ma15 300 100 > 60 2 
μ0.6Ma15 None None None 32 
μ3Ma7 600 200 > 100 3 
μ3Ma7-hires 600 200 > 100 12 
μ1Ma7 1000 200 > 10 21 
μ0.6Ma7 None None None 112 
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omponent in the inner region and by the poloidal component in

he outer region, which has implications on the strength of magnetic
raking as will be discussed in Section 3.4 . 

.2 B –ρ relationship 

nderstanding the relationship between density and magnetic field,
s well as their physical origin, is crucial for both observations and
heoretical models. According to simple models (e.g. Crutcher 1999 ),
he magnetic field and gas density of a collapsing molecular cloud
ollow a power–law scaling relationship, B ∼ ρκ . Assuming flux-
reezing in ideal MHD, in the scenario of the isotropic collapse
f a spherical cloud threaded by uniform parallel magnetic field
ines, the relationships B ∝ R 

−2 and ρ ∝ R 

−3 , imply B ∝ ρ2 / 3 .
NRAS 540, 175–189 (2025) 
n the scenario of the anisotropic collapse of a flattened structure
r disc, the evolution of the gas collapse consists of two stages:
uring the first stage the cloud collapses along the field lines to
orm a disc. The gravitational acceleration at the disc surface,
ccording to Gauss’s law, is approximately g ≈ −2 πG�, where
 = ρH = M/ ( πR 

2 ) is the gas surface density, and H , R, and M 

re the disc thickness, radius, and mass, respectively. In the second
tage, assuming flux-freezing, the mass-to-flux ratio M/� B = �/B 

s conserved, therefore B ≈ �� B /M . Assuming g ≈ σ 2 /H , i.e. the
isc is supported by turbulent pressure in the vertical direction, we
nd σ 2 ≈ 2 πGρH 

2 ∼ 2 πG� 

2 /ρ. Therefore, 

 ≈ σ√ 

2 π c � 

μ
ρ1 / 2 , (5) 

r expressed in terms of the Alfven velocity 

 A = 

B √ 

4 πρ
≈ σ

2 
√ 

2 πc � 

μ
. (6) 

n even simpler interpretation of this relation is the equipartition
etween magnetic and kinetic energy, B 

2 / (4 π ) ∝ ρσ 2 , noting that 

v 2 A 

σ 2 
= 

1 

8 π2 c 2 � 

μ2 
= 

0 . 45 

μ2 
. (7) 

n flattened cores where μ is marginally greater than 1, this relation-
hip predicts that magnetic pressure is slightly weaker than turbulent
ressure. 
Our discussion of the B –ρ relationship is organized into two

egimes: the GMC scales and core scales. The former is the larger
cale, encompassing all gas inside the simulation box that houses the
MC. The latter focuses on the more localized region of prestellar

ores, specifically targeting the gas contained within an individual
ore. 
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Figure 4. Temporal evolution (from left to right) of the magnetic field morphology of core μ3Ma7-hires in a face-on view (top row) and edge-on view 

(bottom row). Each panel shows gas column density centred at the peak density, o v erplotted with magnetic field streamlines. The colour of the streamlines 
shows the magnetic strength as indicated by the colourbar at the bottom right. A zoom view of the central disc is shown in Fig. 3 . These streamlines show how 

the magnetic field lines are wound up as the disc forms and that the magnetic field is extremely turbulent, especially near the disc centre. 

Figure 5. 3D view of the magnetic field lines on top of the volume rendering 
of the toroid around the central stars in run μ3Ma7-hires . The rendering 
in blue shows the density in this re gion abo v e 10 6 cm 

−3 . The field of view 

measures 10 000 au. Note that the disc, about 600 au in radius, is at the 
centre and is much smaller. The tubes indicate the direction of the field lines 
and their colours indicate the strength of the magnetic field with red to blue 
meaning strong to weak. 
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.2.1 B –ρ relationship in GMCs 

t is well-established (Troland & Heiles 1986 ; Crutcher et al. 2010 )
hat at low densities ( � 10 3 cm 

−3 ), the intensity of the magnetic field
oes not depend on gas density. This phenomenon is clearly seen 
n our simulations (Fig. 6 ), and this constant value of the magnetic
eld is the same as the B 0 set in our initial conditions. At higher
ensities, up to ∼ 10 9 cm 

−3 , the magnetic field scales with density
s B ∝ ρ1 / 2 , resulting in a universal value of the Alfven velocity
f v A ∼ 0 . 5 ± 0 . 1 km s −1 . In Fig. 6 , we show phase plots of B 

s gas number density n for GMCs with a range of μ0 from 3 to
.6 and for turbulent Mach numbers M = 7 and 15. The red line,
howing the mass-weighted average of B at a given n , suggests
hat the Alfven velocity derived from this median relationship is 
early constant independently of μ0 and M . It is important to note,
o we v er, that the Alfv en v elocity is only approximately constant
bo v e the critical density, and the exact value may also depend on
ther cloud properties. In Section 3.2.3 , we will explore the physical
echanisms that go v ern the scaling of the magnetic field with density

n more detail. 
Given a background magnetic intensity B 0 , we can estimate from

ig. 6 the critical gas density at which the Alfven velocity equals the
ni versal v alue v A = 0 . 5 km s −1 : 

 cr ≡ 1 

4 πμm p 

(
B 0 

v A 

)2 

≈ 2 . 2 × 10 4 cm 

−3 

(
B 0 

30 μG 

)2 

, (8) 

here μ = 1 . 4 is the mean molecular weight and m p is the proton
ass. For the B 0 values in our simulations, ranging from 10 to 50 μB,

he critical density falls within 2 . 5 × 10 3 to 6 × 10 4 cm 

−3 . This range
s roughly consistent with the lower end of the core density in our
imulations, suggesting that cores form when the magnetic field is 
o longer strong enough to support the cloud against gravitational 
ollapse. 
MNRAS 540, 175–189 (2025) 
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Figure 6. The global B –ρ relationship at GMC scales for the μ3Ma15 , μ1Ma15 , μ1Ma7 , and μ0.6Ma15 runs. At low density ( � 10 3 cm 

−3 ), the magnetic 
field intensity is independent of the density and the global value is determined by the initial magnetization. At high density up to ∼ 10 9 cm 

−3 , we find a universal 
B –ρ relation: B ≈ 86 μB ( n/ 10 5 cm 

−3 ) 1 / 2 , corresponding to a constant Alfven velocity of ∼ 0.5 km s −1 . The first four panels show the 2D phase diagram of 
magnetic intensity B versus gas number density n of the four clouds, respectively, and the colours represent the gas mass. The red curves are the mass-weighted 
1D relationship. The last panel plots the Alfven velocity v A as a function of n , converted from the 1D B − n relationship for all four clouds. 

Figure 7. Enhancement of the magnetic intensity at high density inside the core μ1Ma15 . The first panel shows the temporal evolution of the mass in stars 
and in discs. The rest of the panels show a 2D phase diagram of B − n , similar to Fig. 6 , inside the core at various times as marked in the first panel. We show 

that as the gas is accreted by sink particles while the magnetic field is retained outside, the magnetic intensity is boosted by nearly an order of magnitude at a 
density abo v e 10 7 cm 

−3 . As the accretion stops, the strong magnetic field disperses itself due to magnetic pressure/tension. 
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.2.2 B –ρ relationship in cores 

n Fig. 7 , we show the B –ρ relationship for gas in the cores of
he zoom-in simulations. In the cores, the gas with density lower 
han 10 7 cm 

−3 approximately follows the same universal relationship 
 ∝ ρ1 / 2 with the same normalization as at GMC scales (Fig. 6 ).
o we ver, at densities > 10 7 cm 

−3 we notice that the magnetic field
ntensity at a given density is enhanced with respect to the universal
alue when the sink particle accretes gas. This phenomenon is likely 
 result of the release of the magnetic field during sink accretion,
s the sink particles accrete gas but not magnetic field, hence the
onservation of mass-to-flux ratio, valid in ideal MHD, is broken 
ithin the sink particles. This recipe for sink accretion is mainly 
oti v ated by the fact that, while preserving the divergence-free 

ondition ( ∇ · B = 0) is essential for the stability and accuracy of
HD simulations, accreting magnetic flux on to sink particles while 
aintaining this condition is currently not possible with existing 

umerical methods (see a re vie w of Teyssier & Commer c ¸on 2019 ).
his is also particularly inspired by the magnetic flux problem in star

ormation: the mass-to-flux ratio in a star is 10 5 −8 times higher than
hat at the cores’ scale. The slope of the B –ρ relation at densities
 10 7 cm 

−3 is close to 2 / 3, suggesting that the collapse at disc
entre is nearly isotropic. The boost in the B field at a given ρ
ersists as long as the sink particle is accreting gas. Shortly after
he accretion stops, the magnetic field strength reduces back to the 
verage value following the global B –ρ relationship. Evidently, the 
ccumulation of B-field lines in the sink produces a temporarily 
tronger magnetic pressure diffusing the magnetic field lines outward 
Zhao et al. 2011 ). 

.2.3 Interpretation of the universal B–ρ relationship 

n all the phase plots we observe two regimes: (A) a low-density
egime where the mean of the magnetic field is constant as a
unction of ρ, even though the spread around the mean can be large,
specially for weaker values of the initial B-field (large μ cases); 
B) a high-density regime, where B ∝ ρ1 / 2 , or v A = const ( ρ). These
wo regimes are observed for the GMC as a whole (in this case the
onstant B value is the one set in initial conditions), and for individual
ores: in this second case the constant B value regime is the one at
he boundary of the core where the density is lowest. 

The regime (A) is the case when the density of the gas can increase
r decrease while leaving B constant: this happens when the motion 
f the gas is along the magnetic field line. For instance, the initial
urbulent motions of the gas can compress or de-compress the gas: 
hen the gas is compressed (de-compressed) in the direction of the 
agnetic field lines, B remains the same but the density increases 

decreases). If the motion is perpendicular to B, the value of B can
ncrease or decrease for compression/decompression. Ho we ver, this 
ill just produce a constant scatter in the B –ρ relationship around the
ean if there is no preferred direction for the turbulence (isotropic

urbulence). We expect the scatter around the mean to be small for
maller M or smaller μ, as the stronger magnetic tension/pressure 
elative to the amount of turbulence suppresses compression/de- 
ompression perpendicular to the B-filed direction. This is indeed 
bserved in Fig. 6 : in regime (A), where B ∼ const ( n ) (at densities
 < 10 3 –10 4 cm 

−3 ), the scatter of the B-field at a given density is
arger for the first panel (top left) with respect to all the other cases.
he simulation in the top left panel has the largest Mach number and

he lowest initial magnetic field strength, providing support to our 
nterpretation. 
This regime no longer exists at cores scales (high densities) 
hen the gas motion is no longer isotropic, rather it is mostly

ompression due to the self-gravity of the cores under the influence
f strong magnetic field. Assuming that cores can be initially 
pproximated as isothermal spheres embedded in a uniform magnetic 
eld supported by thermal and turbulent pressure in the direction of

he magnetic field lines, one can apply the deri v ation in Section 3.2
nd equation ( 7 ). After the initial phase of compression in the
 -direction at constant � and B, any further density increase
s produced by compression perpendicular to the B-field lines, 
roducing B ∝ ρ1 / 2 or v A = const ( ρ). But what sets the constant
alue of v A ∼ 0 . 5 km s −1 observed across different scales and
ensities? 
The values of σ and μ in equation ( 7 ) are not the initial values for

he GMC, but rather the initial values for self-gravitating cores. If the
ores are in quasi-hydrostatic equilibrium supported by turbulence 
nd magnetic pressure, W ∼ ( B + K turb ). If the initial value of the
agnetic pressure is comparable to or dominates o v er turbulence
e expect μ ≡ √ | W / B| ∼ 1. Assuming that the core is marginally 

eans unstable and partially supported by turbulent pressure, the 
qui v alent Jeans mass is given by 

 J = 

π5 / 2 

6 

σ 3 

( G 

3 ρ) 1 / 2 
, (9) 

here σ is the rms of the turbulent velocity. In GMC simulations
y He et al. ( 2019 ) the typical masses of prestellar cores (the most
umerous cores in the core mass function) is M ≈ 1 –5 M �, and
 = 10 7 cm 

−3 is their typical gas number density. Using these values
n equation ( 9 ) we get σ ≈ 0 . 6 km s −1 . Note that the same value can
e obtained by calculating the virial velocity of the core. Finally,
sing equation ( 7 ) with μ ∼ 1 we have v A ≈ 0 . 67 σ ≈ 0 . 4 km s −1 ,
n agreement with the mean value for the whole GMC and for
ndividual cores. Because σ is weakly dependent on M J and 
he core mass function in the GMC is dominated by small-mass
ores with M ∼ 1 –5 M �, most of the dense gas in the GMC
s in cores with σ ∼ 0 . 6 km s −1 . Therefore, in the high-density
egime v A ≈ 0 . 4 km s −1 when averaged over the whole cloud.
ote, ho we ver, that our most massive cores have M ∼ 130M �.

ndeed, the B –ρ phase diagram for the most massive core in our set
 μ3Ma15-large ) shows higher values of v A , consistent with our
nterpretation. 

.3 Magnetic and turbulent support in the cores and discs 

he cores initially have nearly critical magnetic field strengths, with 
alues of the mass-to-flux ratio, μ( r), ranging from 0.5 to 3 from
he inner to the outer part of the core (see the top row in Fig. 8 ).
he μ radial profiles in cores that form from GMCs with different

nitial magnetic field strengths are virtually indistinguishable from 

ach other: the mass-to-flux ratio in the μ0.6Ma7 core is only
lightly lower than that in the μ3Ma7 core. This is likely due to a
election effect because magnetically sub-critical ‘clumps’ would fail 
o collapse and form a sink particle. During the quasi-spherical initial
ollapse of the cores, the magnetic pressure ( ∝ ρv 2 A ) dominates o v er
he turbulent ( ∝ ρσ 2 ) and thermal pressure ( ∝ ρc 2 s ). 

As discussed in Section 3.2 , the prestellar core collapses anisotrop-
cally to form a disc structure. During this transition, while the

agnetic flux remains roughly unchanged, the total magnetic energy 
n the gas decreases as the gas volume decreases, whereas its
ravitational energy increases. Consequently, the mass-to-flux ratio 
, as defined in equation ( 3 ), increases. This is evident in the top row
f Fig. 8 , where the mass-to-flux ratio in the disc (forming at later
MNRAS 540, 175–189 (2025) 
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Figure 8. The magnetic, turbulent, and thermal support of the cores and discs. From left to right are the cores μ3Ma7 , μ3Ma7-hires , μ1Ma7 , and μ0.6Ma7 . 
Row 1: the mass-to-flux ratio radial profile of the gas at the core phase (initial time t = 0) and disc phase (later stage, and the exact time is shown in rows 
2 and 3) as a function of radius. Row 2: radial profiles of the mass-weighted Alfven velocity, z-component turbulent velocity, sound speed, and the ef fecti ve 
velocity of support v eff = ( v 2 A + σ ( v z ) 2 + c 2 s ) 

1 / 2 during the disc phase as a function of the radius in cylindrical coordinates. Row 3: radial profiles of the 
mass-weighted ef fecti v e v elocity, the azimuthal v elocity, the Keplerian v elocity, and the Keplerianity βK 

= v φ/v kep during the disc phase as a function of the 
radius in cylindrical coordinates. In rows 2 and 3, only disc material is included in the calculations, with the envelope excluded. The profiles are shown starting 
at half the sink accretion radius (defined as 4 �x min ). Caution should be taken when interpreting the region below the sink accretion radius. The v φ/v kep curve 
is extended beyond the disc radius (indicated by the dashed line) to illustrate the trend of Keplerianity in the toroid. Quasi-Keplerian discs with v φ ≈ v kep 

extending to radii r cyl ∼ 300 –1000 au form in all runs except μ0.6Ma7 . The cores are initially supported by magnetic pressure, while thermal and turbulent 
pressures play sub-dominant roles. The toroids forming in the cores are supported by both turbulent and magnetic pressure, with the former slightly dominating 
in the quasi-Keplerian discs found in the inner part of the cores ( � 1000 au) and the latter slightly dominating in the outer part (toroid). Thermal support is 
negligible in all the massive cores analysed in this study. 
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imes than the core) is approximately one order of magnitude higher
han that in the core (defined at t = 0). 

In the bottom two rows, we plot the disc profile as a function of the
ylindrical radius r cyl . The disc remains quasi-Keplerian ( v φ ≈ v kep )
p to a characteristic radius of about 1000 ± 500 au in all the cores
ut the sub-critical one with μ = 0 . 6: in this run v φ << v kep at all
adii and a Keplerian disc fail to form (see Fig. 2 ). 

As the core collapses, the turbulence is amplified, particularly in
he inner parts of the disc/core. In the outer disc, turbulent kinetic
nergy and magnetic energy are nearly in equipartition. Within the
isc, the Alfv en v elocity ( v A ) remains around 1 km s −1 , occasionally
ncreasing to 5 km s −1 in the inner part. The ef fecti v e v elocity,
 

2 
eff = v 2 A + σ 2 + c 2 s , consistently approaches the Keplerian velocity
ithin the disc radius but falls significantly below v kep outside

he disc radius. While the exact cause of the increased turbulence
emains unclear, the most plausible explanation is non-axisymmetric
ccretion, given the highly asymmetric nature of the inflow. In
ur simulations, the accretion of material on to the disc is highly
rregular and asymmetric, especially during the later stages of core
ollapse (see Figs 2 and 3 ), introducing significant perturbations
n the disc structure and potentially amplifying turbulence to a
evel where the turbulent velocity is close to the escape velocity.
NRAS 540, 175–189 (2025) 
nlike axisymmetric accretion, where material is smoothly added
o the equatorial plane, as seen in the evolution of an isolated core,
on-axisymmetric accretion delivers mass and angular momentum
nevenly. This creates localized pressure gradients and velocity
hears, which disrupt the smooth gas flow and drive turbulent motions
oth in the surrounding toroid and within the disc. 
The grey-dashed lines in the top row of Fig. 8 show the μ profiles

f the discs at the same time point as the curves shown in the
ast two rows. The discs have μ( r) ∼ 10 in the inner parts where
urbulent support is dominant, but μ( r) decreases to ∼ 2 in the outer
nvelope. This decrease of μ( r) in the outer parts of cores has already
een observed: Yen et al. ( 2023 ) has shown that the mass-to-flux
atio increases from 1–4 to 9–32 from 0.1 pc to 600 au scales,
hich suggests that the magnetic field is partially decoupled from

he neutral matter from large to small scales. The authors suggest
on-ideal MHD (e.g. ambipolar diffusion) as the cause of this μ
adial profile that allows the formation of a Keplerian disc. In our
imulations, modelling of non-ideal MHD processes is not included
n our equations, other than indirectly in our recipe for sink accretion:
inks accrete mass, momentum, and angular momentum but not
agnetic field. Hence, a deviation from flux-freezing is caused by the

ccumulation and subsequent diffusion of the magnetic field (Zhao
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Figure 9. Explanation of the weak o v erall magnetic braking in disc μ3Ma7-hires . From left to right are the distributions of the radial component of the 
magnetic field, the azimuthal component of the magnetic field, and their product, which is proportional to t −1 

br , as a function of disc radius in cylindrical 
coordination. The time at which the analysis is done is 393 kyr after the core formation, the same as that in Fig. 8 . The thick curve displays the median values and 
the shaded area displays the 1 σ and 3 σ contours for the probability distribution function. While the azimuthal component of the magnetic field is predominantly 
directional, the radial component exhibits significant turbulence and incohenrence. The positive and negati ve v alues of B r B φ (and consequently t br ) from cell 
to cell tend to cancel cancel each other out, resulting in a small o v erall magnetic braking effect. 
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t al. 2011 ; Santos-Lima et al. 2012 ) within sink particles described
efore. The increase of μ in the inner part is mainly produced by
he increase of the gravitational potential energy | W | from the mass
ncrease of the sink particle which, ho we ver, does not accumulate
agnetic energy. 

.4 Magnetic braking problem 

s discussed before, the formation of a toroid or a disc can be
uppressed or its radius reduced by magnetic braking. The spinning 
f the gas twists up the magnetic fields, creating a tension force that
pposes rotation. The magnetic field e x erts a Lorentz force per unit
olume on the fluid element which, at a given radius r , can be written
s 

 = 

1 

4 π
[ ( ∇ × B ) × B ] (10) 

= 

1 

4 πr 

[
B p · ∇ p ( rB φ) 

]
ˆ φ (11) 

= 

1 

4 π

(
B r B φ + r B r 

∂ 

∂ r 
B φ + r B z 

∂ 

∂ z 
B φ

)
ˆ φ (12) 

≈ B r B φ

4 π
ˆ φ, (13) 

here the subscript p denotes the poloidal component of the filed and
 p = ( ∂ 

∂r ̂
 r , ∂ 

∂φ
ˆ φ). We have only considered the φ component of the

orque and assumed that the gradient of B φ to the z-direction vanishes
ue to symmetry at the equatorial plane of the disc. The second term
n the parenthesis of equation ( 12 ) is negligible compared to the first
erm for a B-field with a azimuthal component that is nearly constant
s a function or radius (i.e. d ln B φ/d ln r < 1). Therefore, we have 

d 

d t 
( ρv φ) = −| f| 

r 
≈ −B r B φ

4 πr 
. (14) 

he magnetic braking time is defined as the characteristic time- 
cale for the magnetic torque to remo v e completely the gas angular
omentum: 

 br = 

ρv φ

− d 
d t ( ρv φ) 

≈ 4 πρv φr 

B r B φ

. (15) 

To compare t br with the dynamic time-scale, we assume B r B φ ≈
 

2 and get 

 br ≈ 4 πρv φr 

B 

2 
= 

(
v φ

v A 

)2 
r 

v φ
= 

(
v φ

v A 

)2 

t cr . (16) 
his means that if a cloud has a magnetic field nearly in equipartition
ith gravitational potential energy and if the field is marginally 
ound up such that the poloidal and toroidal components become 

omparable, we expect t br ∼ t cr , i.e. the field is capable of stopping
eplerian rotation in a time-scale of the order of the disc rotation
eriod. For instance, at r = 400 au in the disc of core μ3Ma7 , v φ ≈
 km s −1 , v A ≈ 2 . 5 km s −1 , and t cr = 0 . 4 kyr. From equation ( 16 )
e have t br ≈ 4 t cr ≈ 1 . 6 kyr that is significantly shorter of the disc

ifetime � 300 kyr. A time-scale t br a factor of 2 times longer is
btained if we assume B r B φ ≈ B 

2 / 2. 
At least for the massive discs studied in this work, which are

upported in the vertical direction by (supersonic) turbulent motions 
ather than thermal pressure, we argue that apparently contradictory 
esults regarding the time-scale for magnetic braking and the critical 

value suppressing disc formation can be understood in terms of 
he turbulent and incoherent nature of magnetic fields in massive 
ores/toroids. In Fig. 9 , we plot the distribution of the toroidal
nd poloidal components of the magnetic field, B φ and B r , in the
ylindrical coordinate at a given distance to the disc centre for
ore μ3Ma7-hires . The coordinate system is the same as that
efined in the previous section. At a given radius in the cylindrical
rame, we pick all the cells in a concentric and superposed ring and
ompute each component of the B field weighted by gas mass. The
edian, 1 − σ , and 3 − σ contours for the distribution of the radial

omponent, B r , the azimuthal component, B φ , and their product are
hen plotted in the three panels. We can see that while the azimuthal
omponent of the magnetic field is mostly directional, the radial 
omponent, on the other hand, evenly scatters around zero. In Fig. 10 ,
e plot the radial profile of the volume-weighted mean and rms
f B φ , B r and B r B φ for discs μ3Ma15 , μ3Ma7 , and μ1Ma7 . As
e can see, the radial component B r in all the discs is extremely

urbulent, and the turbulent root-mean-square (rms), < B 

2 
r > 

1 / 2 , is
oughly 10 × higher than the mean (second row). Consequently, 
he magnetic torque, proportional to B r B φ , scatters around zero.
his results in the torque e x erted on the gas cancelling itself out,
reatly weakening the magnetic braking effect. This reduction of 
oughly a factor of 10 of the torque (bottom row) increases the
raking time-scale t bf by the same factor, ultimately influencing the 
ongevity and stability of the discs compared to the case where the

agnetic field lines are perfectly coherent and aligned with the spin
xis of the disc/core. Furthermore, this reduction factor in the inner
isc is several times higher than in the outer disc due to enhanced
urbulent velocities (Fig. 8 ). Consequently, while the outer region 
MNRAS 540, 175–189 (2025) 
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M

Figure 10. The extremely turbulent and incoherent magnetic field on the circumstellar discs as a solution to the magnetic braking problem. The columns from 

left to right are the diss from three cores with their label shown at the top. The time at which the analysis is done is the same as the discs in Fig. 8 (bottom two 
ro ws). Top ro w: the mean and standard de viation of the azimuthal component of the B field as a function of the cylindrical radius. Second row: the mean and 
standard deviation of the radial component of the B field. Third row: the mean and standard deviation of the products of the azimuthal and radial components of 
the B field. Bottom row: The ratio of the magnetic braking time, t br ∝ |〈 B r B φ〉| −1 , to the naive estimation, proportional to 〈 ( B r B φ ) 2 〉 −1 / 2 ≈ 〈 B 

2 〉 −1 . 
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f the disc (beyond ∼ 200 au) eventually experiences braking by
agnetic fields, the inner part of the disc can persist for a longer

uration. 
We also notice that this incoherent character of the magnetic field

oes not significantly depend on the initial turbulence of the GMC,
hich ranges from M = 7 to 15, nor on the magnetic strength, which

anges from marginally supercritical to critical (1 < μ < 3). We also
ule out resolution effects as a cause for the formation of large discs
Fig. 3 ). 

 DISCUSSION  

he exponent of 1 / 2 we find for the B –ρ power–law relationship
n the range of densities between 10 5 and 10 9 cm 

3 indicates that
he cloud collapse at these relatively large scales (compared to
rotostellar core scales, i.e. > 10 4 au) hav e c ylindrical/filamentary
eometry rather than spherical. This is true across all GMCs in
ur sample, irrespective of whether the turbulent energy is the
ominant support against gravity ( M A = 5 case) or the magnetic
NRAS 540, 175–189 (2025) 
nergy dominates ( M A = 1 case). Our findings seem in contrast
ith the conclusion of a previous study by Mocz et al. ( 2017 ), which
roposed that the collapse is isotropic ( B ∝ ρ2 / 3 ) in environments
hen turbulence dominates o v er the magnetic field and transitions

nto anisotropic when the magnetic energy dominates. We identify
w o main f actors contributing to this discrepancy. First, the range
f densities investigated differs; our analysis spans up to 10 9 cm 

−3 ,
hereas Mocz et al. reached densities around 10 11 cm 

−3 . Secondly,
he authors point out that the B –ρ relation, when measured on a
ell-by-cell basis – a method more akin to ours – exhibits a flatter
ower-law slope. 

.1 Previous ideal-MHD calculations of massi v e core collapse 

 fundamental difference between hydrodynamic and magneto-
ydrodynamic prestellar cores comes from the evolution of angular
omentum. In the absence of a significant magnetic field, the angular
omentum is essentially conserved and becomes a dominant support

gainst gravitational collapse, drastically affecting the evolution of
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he cores. In a magnetized core, ho we ver, the situation is different;
ngular momentum can be exchanged between fluid particles because 
f magnetic force/tension. In the aligned configuration between the 
agnetic field and the cloud rotation axis, the magnetic braking time 

an become so short that the formation of the centrifugally supported 
iscs can be even entirely prevented. 
Recent numerical studies hav e e xplored how magnetic config- 

rations/geometries, i.e. misalignment, may reduce the power of 
agnetic braking in low-mass (less than ∼ 3 solar mass) cores. 
ennebelle & Ciardi ( 2009 ) report the first disco v ery that centrifugal
iscs more easily form in 1 solar mass cores in which the magnetic
eld and the angular momentum vector are misaligned. Joos et al. 
 2012 ), Li et al. ( 2013b ), and Hirano et al. ( 2020 ) report more
uantitative results that are consistent with Hennebelle & Ciardi 
 2009 ). Joos et al. ( 2012 ) show that, in the case where the magnetic
eld and angular momentum are perpendicular to each other, the 
ean specific angular momentum of the central region of a core 

s about two times larger than that in the parallel case. Tsukamoto
t al. ( 2018 ), ho we ver, claim that in the prestellar collapse phase, the
resence of misalignment seems to enhance the angular momentum 

emoval from the central region due to stronger magnetic braking, 
ontradicting before-mentioned works. Future observations should 
e able to provide more evidence to disentangle this apparent 
iscrepancy between simulation results. 
Sev eral studies hav e inv estigated the effects of turbulent magnetic

elds on disc formation from intermediate- to high-mass cores (e.g. 
eifried et al. 2013 ; Joos et al. 2013 ; Li et al. 2014 ; Fielding et al.
015 ; Gray et al. 2018 ). For example, Joos et al. ( 2013 ) explored
he impact of turbulence with high resolution and suggested that 
he impact of turbulence is limited. None the less, the correlation 
etween turbulence and disc formation remains inconclusive. In a 
e vie w article, Tsukamoto et al. ( 2023 ) argue that turbulent diffusion,
hether as a numeric effect or non-ideal MHD effect, may not 

ignificantly influence the evolution of circumstellar disc sizes. 
The calculations we present here extend the investigation of star 

ormation under ideal MHD in two major ways beyond the studies
entioned abo v e. Unlike in most of the abo v e MHD simulations,
hich typically track the collapse of clouds below 100M �, our work

oom-in at high resolution (tens of au) a few 30 –100 M � cores within
he realistic environment of a much larger GMC. Specifically, we 
odel the formation of massive prestellar cores, with masses between 

ens to one hundred solar masses, emerging from the collapse of
MCs with masses ∼ 10 4 M � and different level of magnetization 

nd turbulent energy. Despite of the computational challenges posed 
y simulating such large masses, we achieve a relatively high spatial 
esolution (between 10 and 60 au), sufficient to resolve discs with 
adii � 200 au, and densities � 10 9 cm 

−3 . The second innovation of
ur study is the adoption of realistic initial and boundary conditions 
hat accurately captures the thermal, turbulent, and magnetic energy 
onfigurations essential for comparing their relative roles in the 
tar formation process. Because our setup differs in mass scale 
nd boundary/initial condition from most previous studies, we find 
esults that at times seem to contradict previous results established 
n the literature. For instance, we find that large ( R ∼ 300 –1000
u), rotationally supported discs can indeed form from the ideal- 
HD collapse of prestellar cores, even under conditions where the 

ores are magnetically near-critical or critical. We moti v ate this result
s due to the highly turbulent nature of the magnetic field within
he discs, which are supported in the vertical direction by turbulent 

otions rather than thermal pressure. This is also contrary to previous
ndings for smaller mass discs that instead are supported by thermal 
ressure. 
.2 Previous non-ideal MHD simulations of massi v e core 
ollapse 

on-ideal MHD effects may play a crucial role in shaping the
volution of discs, impacting their size through the decoupling of 
agnetic fields and gas, thereby reducing the magnetic braking 

fficiency within the disc (see Tsukamoto et al. 2023 , for a review).
irst of all, relying solely on Ohmic dissipation pro v es insufficient

n driving the formation of large circumstellar discs during the Class
 phase (the first protostellar objects observed post-collapse within 
restellar cores; Machida et al. 2011 ). This limitation arises from
he fact that to significantly diffuse magnetic fields, Ohmic heating 
ould ele v ate the core’ s inner region’ s temperature to a level where

hermal energy matches gravitational energy, hindering the collapse 
f the core as a whole. 
Ambipolar diffusion is a more effective magnetic diffusion process 

hat weakens the effects of magnetic field in the disc and envelope of a
rotostar by allowing the ions to slip past the neutrals. 3D simulations
ave shown that ambipolar diffusion allows the formation of a 
elati vely massi ve disc with a size of tens of au in the early disc
ormation phase, despite a relatively strong magnetic field (e.g. 

asson et al. 2016 ; Zhao et al. 2018 ; Tsukamoto et al. 2020 ).
y comparing simulations for a coherently rotating core and a 

urbulent core, Santos-Lima et al. ( 2012 ) suggested that turbulence
auses small-scale magnetic reconnection and provides an ef fecti ve 
echanism for magnetic diffusion that can remo v e magnetic flux

ut of the disc progenitor at time-scales comparable to the collapse,
llowing the formation of discs with sizes ∼ 100 au. Mignon- 
isse et al. ( 2021 ) further suggest that, under moderate magnetic
elds, massive protostellar discs with radius � 100 au can only be
eproduced in the presence of ambipolar dif fusion, e ven in a turbulent
edium. Similar results are reported by K ̈olligan & Kuiper ( 2018 ),
ommer c ¸on et al. ( 2022 ), and Mignon-Risse et al. ( 2023 ), some

eporting discs with radius even � 500 au. Contrastingly, our study
hows that in a turbulent environment, where magnetic fields are 
urbulent and incoherent, large discs can form even without non- 
deal MHD effects. 

Additionally, the role of cosmic-ray complicates this scenario, as 
igh rates of ionization, shown by Kuffmeier et al. ( 2020 ) and Zhao
t al. ( 2016 ), can suppress the formation of discs. Wurster & Bate
 2019 ) suggest that non-ideal MHD effects moderate the magnetic
eld in the circumstellar environment, leading to a more constrained 
ange of disc field strengths compared to the ideal-MHD case, which
acilitates disc formation. After all, future observations aimed at 
etecting ion-neutral drift in prestellar cores will be essential in 
uantifying ambipolar diffusion’s significance in disc formation 
rocesses. 
While our simulations operate within the ideal MHD framework 

nd do not encompass non-ideal MHD effects, the insights garnered 
n this work on the collapse of massive cores within realistic GMCs
re no v el, and it is a step towards understanding the interplay between
on-ideal MHD phenomena and the role of incoherent, diffused 
agnetic field lines in the star formation processes. This omission, 

ue to the scope of our investigation, does not diminish the rele v ance
f our findings, but rather it sets the stage for future studies to
elve into the comparative impacts of non-ideal versus ideal MHD 

rocesses. 

 SUMMARY  

e have studied the collapse of strongly magnetized prestellar 
ores from a set of zoom-in radiation-MHD simulations of star 
MNRAS 540, 175–189 (2025) 
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ormation in GMCs. The study includes a suite of six simulations
f prestellar cores in molecular clouds with varying magnetization
 μ0 = 3 , 1 , 0 . 6) and turbulence ( M = 15 , 7). We come to the fol-
owing main conclusions: 

(1) We find a universal B–ρ relationship, B ≈
6 μG ( n/ 10 5 cm 

−3 ) 
1 
2 , implying a constant Alfven velocity

 A ≈ 0 . 5 km s −1 , for number density in the range between 10 5 and
0 9 cm 

−3 in the evolution of magnetically critical or super-critical
MCs, regardless of the initial magnetic intensity or cloud size (see
ig. 6 ). This value of v A roughly equals the virial velocity of a core
ith a mass at the peak of the core mass function. 
(2) On the large scales of collapsed cores ( r > 10 4 au), the scaling

f the magnetic field with gas density (looking at it on a simulation
ell-by-cell basis) is close to B ∝ n 1 / 2 . This is found at densities
etween 10 5 and 10 9 cm 

−3 across all GMCs, irrespective of whether
he turbulent energy dominates ( M A = 5) or is comparable to the

agnetic energy ( M A = 1) . 
(3) Keplerian circumstellar discs can form in critical and super-

ritical cores. Subcritical cores, ho we ver, fragment into numerous
ow-mass clumps that undergo direct collapse without any accretion,
ausing the absence of circumstellar discs (Fig. 2 ). 

(4) Large discs can form in magnetically (near-)critical cores
ecause the magnetic field is extremely turbulent and incoherent,
hich reduces the effect of magnetic braking by roughly one order of
agnitude (see Fig. 10 ) compared to the scenario where the magnetic
eld is coherent and perfectly aligned with the rotational axis of

he core. The turbulent magnetic field is caused by the supersonic
urbulent motion of the gas in the disc, which is plausibly a result
f non-axisymmetric accretion of gas enhanced by gravitational
ollapse. 

(5) The cores at the initial phase are near critical with μ ranging
etween 0.6 and 2 (Fig. 8 ). These cores are initially predominantly
upported by magnetic pressure, with thermal and turbulent pressures
laying lesser roles. The discs that form in the cores are supported
y both turbulent and magnetic pressure, with the former slightly
ominating in the inner part ( � 1000 au) and the latter slightly
ominating in the outer part. This result, which is contrary to what is
ypically found in the literature for smaller mass discs, was also found
n Paper I and is due to the large masses of the cores studied in this
ork (30–300 M �) and in part to the realistic boundary conditions

hat generate a continuous source of turbulence through asymmetric
nflow. In all our massive discs, thermal pressure support is negligible.

Despite the success of our model in reproducing some key
eatures of circumstellar disc formation, we acknowledge that our
tudy has known limitations. For instance, we do not account for
he effects of protostellar outflow/jet feedback, radiation pressure,
nd radiative heating by low-energy photons on disc evolution.
eedback mechanisms could significantly alter the disc structure and
ynamics. And finally, perhaps the most dramatic limitation at these
mall scales is the ideal-MHD approximation. In future work, we
lan to incorporate more realistic stellar feedback prescriptions in
ur code and possibly non ideal-MHD effects to o v ercome these
imitations and impro v e the accuracy of our circumstellar disc

odels. 
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PPENDIX  A :  MASS-TO -FLUX  RATIO  O F  A  

O N - S I N G U L A R  ISOTHERMAL  SPHERE  

he density profile of a non-singular isothermal core in hydrostatic 
quilibrium is given by 

( r) = 

ρ0 

1 + ( r 
r c 

) 2 
. (A1) 

efining the dimensionless radius ξ ≡ r/r c , we can show that the 
ass of the gas within ξ is M( ξ ) = 4 πρ0 r 

3 
c ( ξ − arctan ξ ). Assuming

 parallel magnetic field threading the mid-plane of the sphere with 
he magnetic strength proportional to ρ1 / 2 and equal to B 0 a the 
entre, then we have 

 B = 

∫ ξ1 

0 
2 πr c ξ

B 0 √ 

1 + ξ 2 
r c dξ = 2 πB 0 r 

2 
c 

(√ 

1 + ξ 2 
1 − 1 

)
. (A2) 

he magnetic critical mass is given by equation ( 2 ). 
The gravitational binding energy of a core with radius ξ1 is given 

y this integral 

 = −
∫ ξ1 

0 
GM ( ξ )4 πr ρ( r ) r c d ξ

= −(4 π ) 2 Gρ2 
0 r 

5 
c 

∫ ξ1 

0 

ξ ( ξ − arctan ξ ) 

1 + ξ 2 
d ξ. (A3) 
2025 The Author(s). 
ublished by Oxford University Press on behalf of Royal Astronomical Society. This is an Open
 https://cr eativecommons.or g/licenses/by/4.0/), which permits unrestricted reuse, distribution, and rep
he total magnetic energy inside radius ξ1 is 

 B = 

∫ ξ1 

0 
2 πr 2 c ξd ξ2 r c 

√ 

ξ 2 
1 − ξ 2 

1 

8 π

B 

2 
0 

1 + ξ 2 

= 

1 

2 
B 

2 
0 r 

3 
c 

∫ ξ1 

0 

ξ
√ 

ξ 2 
1 + ξ 2 

1 + ξ 2 
d ξ. (A4) 

We plot μ1 = M/M � 

and μ2 = 

√ | W | /e B for an isothermal core 
ith ρ0 = 10 9 m p cm 

−3 , r c = 1000 au , and B 0 = 0 . 01 Gauss in the
op panel of Fig. A1 . In the bottom panel, we show the value of the

igure A1. Comparing two definitions of the relative importance of the
ravitational and magnetic forces in a non-singular isothermal sphere as a
unction of its radius: the relative mass-to-flux ratio μ1 = M/M � 

and the
quare root of the binding to magnetic energy μ2 = 

√ | W | /e B . In the former
ase, the geometrical factor c � 

in equation ( 2 ) equals 1 / 
√ 

2 . The value of
 � 

required for the two definitions of μ to be equi v alent to each other (i.e.

1 = μ2 ) is shown in the bottom panel, showing that c � 

increases as the core
ecomes more centrally concentrated. 

qui v alent geometrical factor c � 

= 

√ 

G M/ ( � B μ2 ) in equation ( 2 ),
equired to have μ2 = μ1 . 
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